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Introduction
Globular clusters in the Milky Way are ideal environments to study the properties and evolution of old stellar populations, thanks to the relative homogeneity of the cluster contents. Over the last century, a sizeable observational effort has been devoted to studying globular clusters, in particular their horizontal branch (HB) stars, including RR Lyrae (RRL) variables. Increasingly precise photometry has allowed for the detailed study of pulsation properties of these stars, both from an observational point of view (e.g. Kains et al. 2012 Kains et al. , 2013 Arellano Ferro et al. 2013a; Figuera Jaimes et al. 2013; Kunder et al. 2013a) , and from a theoretical point of view using stellar evolution (e.g. Dotter et al. 2007 ) and pulsation models (e.g. Bono et al. 2003 ;
⋆ Royal Society University Research Fellow Feuchtinger 1998) . RRL and other types of variables can also be used to derive estimates of several properties for individual stars, and for the cluster as a whole.
In this paper we analyse time-series observations of M68 (NGC 4590, C1236-264 in the IAU nomenclature; α = 12 h 39 m 27.98 s , δ = −26
• 44 ′ 38.6 ′′ at J2000.0), one of the most metal-poor globular clusters with [Fe/H] ∼ -2.2 at a distance of ∼ 10.3 kpc. This is a particularly interesting globular cluster, with suggestions that it might be undergoing core collapse, as well as showing signs of rotation (Lane et al. 2009 ). It has also been suggested that M68 is one of a number of metal-poor clusters that were accreted into the Milky Way from a satellite galaxy, based chiefly on their co-planar alignment in the outer halo (Yoon & Lee 2002) . Indeed metal-poor clusters are of particular importance to our understanding of the origin of globular clusters in our Galaxy, as they are essential to explaining the Oosterhoff dichotomy. This phenomenon was postulated by Oosterhoff (1939) , who noticed that globular clusters fell into two distinct groups, Oosterhoff types I and II, traced by the mean period of their RRL stars, and the relative numbers of RR0 to RR1 stars. Since then, many studies have confirmed the existence of the Oosterhoff dichotomy as a statistically significant phenomenon (e.g. Sollima et al. 2014 , and references therein), with very few clusters falling within the "Oosterhoff gap" between the two groups. However, two metal-rich clusters are now generally thought to be part of a new Oosterhoff III type of clusters (e.g. Pritzl et al. 2001 Pritzl et al. , 2002 , and, interestingly, Catelan (2009) notes that globular clusters in satellite dwarf spheroidal (dSph) galaxies of the Milky Way have been observed to fall mostly within the Oosterhoff gap, which would seem to go against theories stating that the Galactic halo was formed from accretion of dwarf galaxies (e.g. Zinn 1993a,b) . The strength of such arguments rests partly on our ability to obtain complete censuses of RRL stars in globular clusters. This has only really been achievable since difference image analysis (DIA) made it possible to obtain precise photometry even in the crowded cores of globular clusters (e.g. Alard 1999 Alard , 2000 Bramich 2008; Albrow et al. 2009; Bramich et al. 2013 ).
Here we use time-series photometry to detect known and new variable stars in M68, which we then analyse to derive their properties, and the properties of their host cluster. In particular, we were able to detect a number of SX Phoenicis (SX Phe) stars thanks to improvements in observational and reduction methods since the last comprehensive time-series studies of this cluster were published by Walker (1994) , hereafter W94, and Clement et al. (1993) , hereafter C93; this is also the first study of this cluster making use of DIA, meaning that we can now be confident that all RRL stars in M68 are known.
We also use electron-multiplying CCD (EMCCD) data to study the core of M68 with unprecedented resolution from the ground. EMCCD observations, along with methods that make use of them, such as Lucky Imaging (LI), are becoming a powerful tool to obtain images with a resolution close to the diffraction limit from the ground. We first demonstrated the power of EMCCD studies for globular cluster cores in a pilot study of NGC 6981 (Skottfelt et al. 2013) , where we were able to detect two variables in the core of the cluster that were previously unknown due to their proximity to a bright star.
In Sec. 2, we describe our observations and reduction of the images. In Sec. 3, we summarise previous studies of variability in this cluster, and outline the methods we employed to recover known variables and to detect new ones. We also discuss period changes in several of the RRL stars in this cluster. We use Fourier decomposition in Sec. 4 in order to derive physical parameters for the RRL stars, using empirical relations from the literature. The doublemode pulsators in M68 are discussed in Sec. 5, and we use individual RRL properties to estimate cluster parameters in Sec. 6. Finally, we summarise our findings in Sec. 7.
Observations and reductions

Observations
We obtained Bessell V -and I-band data with the LCOGT/RoboNet 1m telescopes at the South African Date NV tV (s) NI tI (s)  20130308  1  120  1  60  20130311  7  120  9  60  20130314  15  120  16  60  20130316  17  120  16  60  20130317  14  120  16  60  20130318  16  120  11  60  20130319  12  120  7  60  20130320  8  120  8  60  20130321  15  120  16  60  20130323  5  120  6  60  20130329  20  40  20  40  20130331  9  120  10  60  20130401  4  120  2  60  20130402  30 Table 1 : Numbers of images and exposure times for the V and I band observations of M68. When varying exposure times were used, a range is given.
Astronomical Observatory (SAAO) in Sutherland, South Africa, and at Cerro Tololo, Chile. The telescopes and cameras are identical and can be treated as one instrument. The CCD cameras installed on the 1m telescopes are Kodak KAF-16803 models, with 4096 × 4096 pixels and a pixel scale of 0.23 ′′ per pixel, giving a 15.7 × 15.7 arcmin 2 field of view (FOV). The images were binned to 2048 × 2048 pixels, meaning that the effective pixel scale of our images is 0.47 ′′ per pixel. The CCD observations spanned 74 days, with the first night on March 8 and the last night on May 20, 2013. These observations are summarised in Table 1. We also observed M68 using the EMCCD camera mounted on the Danish 1.54m telescope at La Silla, Chile. The camera is an Andor Technology iXon+ model 897 EMCCD, with 512×512 16µm pixels and a pixel scale of 0.09 ′′ per pixel, giving a FOV of 45×45 arcsec 2 . The small FOV means that only the core of M68 was imaged in the EMCCD observations. The filter on the camera is approximately equivalent to the SDSS i ′ + z ′ filters (Bessell 2005 ); more details on the filter are given in Skottfelt et al. (2013) . 72 good EMCCD observations were taken, spanning 2.5 months (May 1 to July 18 2013), each observation consisting of a data cube containing 4800 0.1s exposures; in general, 1 or 2 observations were taken on any one night.
Difference image analysis
CCD observations
We used the DIA software DanDIA 1 Bramich 2008) following the recipes devised in our previous publications of time-series globular cluster observations (Kains et al. 2012 (Kains et al. , 2013 Figuera Jaimes et al. 2013; Arellano Ferro et al. 2013b) , to reduce our observations. DIA is particularly adept at dealing with crowded fields like the cores of globular clusters, as described in detail in our previous papers (e.g. Bramich et al. 2011 ); here we summarise the main steps of the reduction process. We note here that an interesting advantage of using data from networks of identical telescopes and setups such as the LCOGT/ RoboNet network is that one can use a reference image constructed from observations from one telescope for the other telescopes in the network.
After applying bias level and flatfield corrections to our raw images, we blurred our images with a Gaussian of appropriate σ, in order for all images to have a full-width halfmaximum (FWHM) of 3.5 pixels; images that already have a FWHM ≥ 3.5 pixels were not blurred. This is to avoid under-sampling, which can cause difficulties in the determination of the DIA kernel solution. Images were stacked from the best-seeing photometrically stable night in order to obtain a high signal-to-noise reference image in each filter; if an image had too many saturated stars, it was excluded from the reference. The resulting images in V and I are made up of 12 and 20 stacked images respectively, with combined exposure times of 480s (in V ) and 800s (in I), and respective point-spread function (PSF) FWHM of 3.17 pixels (1.49 ′′ ) and 3.09 pixels (1.45 ′′ ). The reference frames were then used to measure source positions and reference fluxes in each filter. Following this, the images were registered with the reference frame, and the convolution of the reference with the kernel solution was subtracted from each image. This resulted in a set of difference images, from which we extracted difference fluxes for each source, allowing us to build light curves for all of the objects detected in the reference images. The light curves of the variable stars we detected in M68 are available for download at the CDS, in the format outlined in Table 2 2 .
EMCCD observations
Each EMCCD data cube was first pre-processed using the algorithms of Harpsøe et al. (2012) , which included bias correction, flatfielding and alignment of all exposures (corresponding to a tip-tilt correction). This procedure also yielded the point-spread function (PSF) width of each exposure. Each data cube was then subdivided into 10 groups of exposures of increasing PSF size. We then reduced the pre-processed EMCCD cubes using a modified version of the DanDIA pipeline, and a different noise model was adopted to account for the difference between CCD and EMCCD observations, as detailed by Harpsøe et al. (2012) . Conventional LI techniques only keep the best-quality exposures within a data cube and therefore usually discard most of them; here we build the reference image from the best-seeing groups only, but the photometry is measured from all exposures within the data cubes. That is, once a reference image has been built, the full sets of exposures (including the ones with worse seeing) are stacked for each data cube; we do this to achieve the best possible signal-to-noise (S/N). The sharp reference image is then convolved with the kernel solution and subtracted from each of the stacked data cubes.
Figure 1: V −band light curves for V44 before (top) and after (bottom) self-calibration using the method of Bramich & Freudling (2012) , showing significant improvement in light curve quality.
Our EMCCD reference image has a PSF FWHM of 4.5 pixels, or 0.40 ′′ , and has a total exposure time of 302.4s (3024 × 0.1s).
Photometric calibration
Self-calibration
For the CCD data, we carried out self-calibration of the light curves to correct for some of the systematics. Although systematics cannot be removed completely, substantial corrections can be made in the case of time-series photometry, as shown in our previous papers (e.g. Kains et al. 2013) .
We used the method of Bramich & Freudling (2012) to derive magnitude offsets to be applied to each epoch of the photometry, which serve to correct for any errors in the fitted values of the photometric scale factors. The method involves setting up a (linear) photometric model for all of the available photometric measurements of all stars and solving for the best-fit parameter values by minimising χ 2 . In our case the model parameters consist of the star mean magnitudes and a magnitude offset for each image. The offsets we derive are of the order of a few percents, and lead to significant improvements in the light curves for this cluster. An illustration of this is shown in Fig. 1 . Table 2 : Format for the time-series photometry of all confirmed variables in our V − and I− band CCD observations. The standard M std and instrumental m ins magnitudes listed in columns 4 and 5 respectively correspond to the variable star, filter and epoch of mid-exposure listed in columns 1-3, respectively. The uncertainty on m ins and M std is listed in column 6. For completeness, we also list the reference flux f ref and the differential flux f diff (columns 7 and 9 respectively), along with their uncertainties (columns 8 and 10), as well as the photometric scale factor p. Definitions of these quantities can be found in e.g. Bramich et al. (2011) , Eq. 2-3. This is a representative extract from the full table, which is available with the electronic version of the article. 
Photometric standards
We used secondary photometric standards in the FOV from Stetson (2000) covering the full range of colours of our CMD to convert the instrumental magnitudes we obtained from the pipeline reduction of the CCD images to standard Johnson-Kron-Cousins magnitudes. This was done by fitting a linear relation to the difference between the standard and instrumental magnitudes, and the instrumental v − i colour of each photometric standard in our images. The resulting transformation relations are shown in Fig. 2 . We compared our photometry with that of W94 by comparing mean magnitudes of RRL stars; this showed small differences of < 1% in both V and I (see Table 3 in Sec. 3 for our mean magnitudes).
Astrometry
We derived astrometry for our CCD reference images by using Gaia 3 to match ∼ 300 stars manually with the UCAC3 catalogue (Zacharias et al. 2010) . For the EMCCD reference, we derived the transformation by matching 10 stars to HST/ WFC3 images (e.g. Bellini et al. 2011) . The coordinates we provide for all stars in this paper (Table 4) are taken from these astrometric fits. The rms of the fit residuals are 0.27 arcsec (0.57 pixel) for the CCD reference images and 0.09 arcsec (0.96 pixel) for the EMCCD reference.
Variables in M68
The first 28 (V1-V28) variables in this cluster were identified by H. Shapley and M. Ritchie (Shapley 1919 (Shapley , 1920 , using fifteen photographs obtained with the 60-inch reflector telescope at Mt Wilson Observatory. All of these are RRL stars, except for V27, which was identified in the 1920 paper as a long-period variable; Greenstein et al. (1947) used a spectrum of V27 taken at the McDonald Observatory in 1939 to work out its radial velocity, and compared this to the cluster's radial velocity to conclude that V27 is a longperiod foreground variable star. Rosino & Pietra (1954) then used observations taken between 1951 and 1953 at Lojano Observatory to derive periods for 20 variables, and discovered three additional RRL stars (V29-V31). They also noted some irregularities in V3, V4, V29 and V30, whereby they could not derive precise periods for those four stars. van Agt & Oosterhoff (1959) found 7 more variables (V32-V38) analysing observations taken in 1950 with the Radcliffe 74-inch reflector telescope in South Africa. They also noticed many discrepancies between their derived periods and those published a few years earlier by Rosino & Pietra (1954) , as well as differences in light curve morphologies. Terzan et al. (1973) announced another four variables in M68 (V39-V42), including the first SX Phe star in this cluster. Clement (1990) and C93 then studied 30 of the RRL stars, identifying 9 double-mode pulsators and detecting period changes since the earlier studies. Brocato et al. (1994) carried out the first CCD-era study of this cluster using the 1.5m ESO Danish Telescope, and soon after, W94 used CCD observations made in 1993 at the CTIO 0.9m telescope in Chile to discover an additional six variables (V43-V48), including another SX Phe star. Finally, Sariya et al. (2014) recently used observations from 2011 at the Sampurnanand telescope in Nainital, Northern India, to claim 9 new variable detections, including 5 RR1 stars, bringing the total number of published variables in this cluster to 57.
Detection of variables
CCD observations
We searched for variables using two methods: firstly we inspected the difference images visually and checked light curves of any objects that had residuals on a significant number of images. This did not enable us to detect any new variables. We also constructed an image from the sum of the absolute values of all difference images and inspected light curves at pixel positions with significant peaks on this stacked image; as with the first method, this method recovered most known variables, but did not enable us to detect new variables. Finally, we also conducted a period search, for periods ranging from 0.02 to 2 days, on all light curves using the "string length" method (e.g. Dworetsky 1983) , and computed the ratio S R of the string length for the best-fit period to that for the worst (i.e. the string length for phasing with a random period). For light curves without periodic variations, S R is expected to be close to 1, although in practice, due to light curve scatter, the mean value is around 0.75; for true periodic light curves, S R ≪ 1. The distribution of S R is shown in Fig. 3 . We inspected all light curves that fell below an arbitrary threshold of S R = 0.5, chosen by visually inspecting light curves sorted with ascending S R .
Using this method, we recovered all known variables except for V32, which is outside our field of view; we were also able to derive periods for all of them, except for V27, which is now known to be a foreground variable star with a period of ∼ 322 d (Pojmanski 2002) ; for V27 we also do not have an I−band light curve because it is saturated in our reference image. We also discovered four new variables, all of them SX Phe stars. Furthermore, we find that V40-42 are not variable within the limits of the rms in our data, given in Table 5 , in agreement with the findings of W94. We also find that none of the new variables recently claimed by Sariya et al. (2014) is variable within the rms scatter of our data (Table 5 , see also Fig. 4) , and we therefore continue the variable numbering system from its standing prior to the publication of their paper.
We also confirm that many of the RRL stars are doublemode variables, as previously reported by Clement (1990) and C93, and we determine pulsation periods for both modes, when possible. Double-mode RRL stars in this cluster are discussed in Sec. 5.1.
In order to obtain the best possible period estimate for each star, we used archival data from previous studies of variability in this cluster by Rosino & Pietra (1953) , Pietra (1954), C93, W94, and Brocato et al. (1994) . This gives us a baseline of up to 62 years for stars which were observed by Rosino & Pietra (1953) , and of over 20 years for the stars that were observed in the 1993-1994 studies. The data of Rosino & Pietra (1953) , Rosino & Pietra (1954) , and Brocato et al. (1994) were previously not available in electronic format, and we have uploaded the light curves The three marked stars above the threshold are V40-V42, which we found to be non-variable.
to the CDS 4 for interested readers. For some of the stars, it was not possible to phase-fold the data sets without also fitting for a linear period change; for some even this did not lead to well-phased data sets, suggesting that some other effect is at work, such as a non-linear period change. Those are discussed in Sec. 3.3.
We also performed frequency analysis on all of the light curves in order to characterise the Blazhko effect (Blažko 1907) , which can cause scatter in the phased light curve due to modulation of amplitude, frequency, phase, or a combination of those. We discuss the results of this search in Sec. 3.3.
Finally, we inspected the light curve of the standard star S28, which W94 found to be variable with an amplitude of ∼ 0.1 mag. Our data show an increase in brightness of ∼ 0.1 mag as well over the time span of our observations, confirming the variable nature of this star; we therefore assign it the variable number V53. Interestingly, however, we do not find significant variation in the I−band light curve of this star.
V −band light curves for all of the variables objects are plotted on Figs. 5−9. I−band light curves are available for download with the electronic version of this article. A finding chart for all confirmed variables in M68 is shown in Fig. 10 and a CMD in Fig. 11 . The CMD confirms the classification of the confirmed variables, with RRL located on the instability strip and SX Phe stars in the blue straggler region. We also show stamps of variables detected on our EMCCD images on Fig. 12 .
EMCCD observations
We repeated the method we used for CCD observations to search for variability in the EMCCD observations we ob-4 The CDS data is available through the data link on the ADS records for these papers. Table 3 : Epochs, periods, mean magnitudes and amplitudes A in V and I for all confirmed variable stars in M68. V49, V50, V51 and V52 are newly discovered variables. A b at the end of the variable type denotes stars which exhibit Blazhko modulation in their light curve. "SX" denotes SX Phe stars, and an appended "d" denotes double-mode pulsation. V and I are intensity-weighted mean magnitudes. Note that those are calculated from Fourier fits for all RRL stars, as the mean magnitude is stable even for unsatisfactory fits. For stars without good Fourier fits, amplitudes are calculated from the data. For V27, the data are taken from the ASAS catalogue Pojmanski (2002) . The data for V32 are taken from C93, as that star is outside of our field of view. Values of the period-change rate parameter β are also given, where relevant (see Sec. 3.2); in those cases, the value of P given corresponds to the instantaneous period at the epoch. † this star is FI Hydra. tained. Of the known variables, only V44 has a light curve, with V12, V45 and V47 also located within our FOV, but being too close to the edge to allow for photometric measurements. Furthermore, the camera was changed in May 2013, with a slightly different filter after that, meaning that measurements from images taken before and after the change need to be treated as separate light curves.
We also detect the new variable V51, and confirm the period found with the CCD data for this object. The EMCCD light curves for V44 and V51 are shown in Fig. 13. 
Period changes in RRL stars
Period changes have been observed in many RRL stars, both in the Galactic field and in globular clusters. Period changes are usually classed as evolutionary or nonevolutionary. Evolutionary period changes of stars on the instability strip are understood to be due to their radius increasing and contracting. These only account for slowly increasing or decreasing changes, however, and in many RRL, abrupt period changes have been observed (e.g. Stagg & Wehlau 1980) which cannot be explained by such evolution. As yet, there is no clear explanation for such changes.
As noted by Jurcsik et al. (2012) , in spite of this, periodchange rates of RRL in a globular cluster can inform us about its general evolution using theoretical models. Lee et al. (1990) suggested that in Oosterhoff type II clusters, most of the RRL pass through the instability strip from blue to red when reaching the end of helium burning in their core. Since such a blue-to-red evolution would also lead to a period increase, Lee (1991) argued that a mean positive value of the period change rate β in a cluster would support this scenario. Furthermore, Rathbun & Smith (1997) showed that the average period change should be smaller for Oosterhoff I clusters than Oosterhoff II. Few comprehensive studies of period changes in cluster RRL have been published; Smith & Wesselink (1977) derived period changes for RRL in the Oosterhoff type II cluster M15, with a mean of β = 0.11 ± 0.36 d Myr −1 . For the Oosterhoff type I cluster M3, Jurcsik et al. (2012) found a slightly positive mean value of β ∼ 0.01 d Myr −1 , agreeing with the theoretical predictions of Lee (1991) and the findings of Rathbun & Smith (1997) .
The parameter β is defined such that the period at time t is given by 8 N. Kains et al.: A census of variability in globular cluster M68 (NGC 4590) Figure 7: Phased V −band light curves of the RR01 stars. The light curves are phased with the first-overtone pulsation period. A typical 1-σ error bar is plotted in the top left corner. The magnitude scale is the same on all plots in order to facilitate comparison of variation amplitude.
where P 0 is the period at the (arbitrary) epoch E, and β as expressed in Eq. (1) is in units of d d −1 ; however β is usually expressed in d Myr −1 as a more natural unit. The number of cycles N E elapsed at time t since the epoch E can then be calculated as
The phase is then
Here we use data stretching back to 1951 (see Sec. 3) to derive period changes for RR0 and RR1 stars for which data sets are not well phased and/or aligned with a single constant period. To do this we performed a grid search in the (P 0 , β) plane by minimising the string length of our data combined with those of W94 (both taken in V −band); we then searched manually around the best-fit solution in- corporating other data sets taken in different passbands. As a consistency check, we also calculated period-change parameters using the O-C method. This consists of using an ephemeris to predict the times of maxima in the light curves, and then plotting the difference between observed and predicted times of maxima against time. By fitting a quadratic function to this, a value of β can be derived; two such fits are shown in Fig. 14 for variables V14 and V28, which produced values of β consistent with the values derived using the grid method. The interested reader is referred to the papers of, e.g., Belserene (1964) and Nemec et al. (1985) for further details. We found here that the values we found for β using the O-C method did not always produce well-phased light curves for all data sets. This is most likely due to the small number of observed maxima available for the variables in this cluster. For the cases where the two methods were not in agreement, we used the value found with the grid search. C93 derived periodchange rates by computing periods for their light curves, and for archival light curves, and subtracting one from another. The method used here, and the availability of more data, mean that our period-change calculations should be more robust. The signs of our values of β agree with those of C93 except for V2 and V18, which, however, had very large associated error bars in that study.
The values of β from our analysis are listed in Table 3 . Examples of phased light curves are shown in Fig. 15 for V14 and V18. The large spread in values found for β means that we are unable to draw any firm conclusion about the general evolution of M68. We find a mean value of β = 0.02 ± 0.57 d Myr −1 .
Discussion of individual RRL variables
Note that RR0 variables are plotted in Fig. 5 , RR1 in Fig. 6 , and RR01 in Fig. 7 . Details of period-change calculations are given in Sec. 3.2.
-V1: We could only phase the different data sets by including a period-change parameter β = 0.273 d Myr −1 . -V2: W94 noted that this star features Blazhko modulation, but our light curves do not enable us to confirm this. We found that a negative period change parameter β = −0.125 d Myr −1 was needed to phase-fold the various data sets.
-V5: This star requires a linear period change β = −0.497 d Myr −1 to phase the different data sets; however, the data from C93 are not phased well with our best-fit period and period change parameter β; according to W94, this star also has slow amplitude variations with a period of several days; the scatter in our data is consistent with that assessment.
-V6: The data from Rosino & Pietra (1954) are not aligned with the other data sets with a constant period; we find a period-change parameter of β = −0.088 d Myr −1 . The light curve may suggest some Blazhko modulation, but our data do not allow us to make a strong claim about this. For added information, isochrones for 9, 10, 11, 12, 13, 14 and 15 Gyr from Dotter et al. (2008) are overplotted in different colours; the best-fit isochrone (13 Gyr) is plotted as a thick green solid line.
-V12: We find no evidence of Blazhko modulation for this star, contrary to W94, who found strong cycle-tocycle variations; this may be due do the baseline of W94 being longer by ∼ 50 days. -V13: We find that the inclusion a period-change parameter is necessary to phase all the light curves; we find β = 0.116 d Myr -V14: W94 noted a variation in shape for the bump at minimum brightness which we cannot confirm in our light curve. We also found that a rather large period change parameter β = 1.553 d Myr −1 was necessary to phase-fold all the data sets (see Fig. 15 ).
-V15: Our observations show some slight residual scatter, which might suggest Blazhko modulation; some evidence of similar scatter is visible in the data of W94. was included to improve the phase-folding of the various data sets.
-V17: We do not find evidence for the Blazhko effect in this star as suggested by W94 on the timescales covered by our baseline. However, comparison of our light curve with that of W94 (Fig. 16) shows clearly that the amplitude of the light curve is larger in our data set, which might indicate that modulation is present but slow. -V18, V20, V24: These stars all required the inclusion of a period-change parameter for satisfactory phasefolding of available data sets. -V25: We find a period-change parameter to phase all the data sets of β = −0.488 d Myr −1 . The light curve also shows Blazhko modulation, as was already noted by W94. -V30: A small positive period-change parameter β = 0.044 d Myr −1 was found to be necessary to phase all data sets. -V33: This star is now RR1, but used to be RR01, as first noted by C93. Like C93, we fail to detect signs of secondary pulsations which were visible in the data of van Agt & Oosterhoff (1959). -V47: We do not confirm the suggestion of W94 of this star being affected by Blazhko modulation; this may be due to the longer baseline of the W94 data.
Fourier decomposition of RR Lyrae star light curves
We performed a Fourier decomposition of the V −band light curves of RRL variables in order to derive several of their properties with well-established empirical relations. We can then use individual stars' properties to estimate the parameters of the host cluster. Fourier decomposition equates to fitting light curves with the Fourier series Figure 12: Stamps from the EMCCD reference image, for the stars within our EMCCD field of view, except V47, which is too close to the edge of the image. North is up and East is to the left. Each stamp is 3.6 ′′ × 3.6 ′′ and a cross-hair marks the location of the variable star.
where m(t) is the magnitude at time t, N is the number of harmonics used in the fit, P is the period of the variable, E is the epoch, and A k and φ k are the amplitude and phase of the k th harmonic respectively. The epoch-independent Fourier parameters are then defined as
In each case we used the lowest number of harmonics that provided a good fit, to avoid over-fitting variations in Table 3 for information about these variables. Note that for V44 we show the light curves before (blue + signs) and after (red asterisks) the camera change as separate light curves, as discussed in the text. For V51, we show only the light curve after the change, as the photometry before was too poor.
the light curves due to noise. We also checked the sensitivity of the parameters we derived to the number of harmonics N , and we used only light curves with stable parameters, i.e. ones that showed little variation with N , to estimate cluster parameters. Double-mode pulsators and objects exhibiting signs of Blazhko modulation are also excluded from the following analysis. The A k coefficients for the first four harmonics and the Fourier parameters φ 21 , φ 31 and φ 41 are given in Table 6 for the light curves for which we could obtain a Fourier decomposition. We used the deviation parameter D m , defined by Jurcsik & Kovács (1996) , as an estimate of the reliability of derived parameters, and use D m < 5 (e.g. Cacciari et al. 2005 ) as a selection criterion. The value of D m for each of the successful Fourier decompositions is given in Table 6 .
We did not fit RR0 stars V9, V10, and V25, and RR1 star V5, because they all exhibit Blazhko-type modulation. Furthermore, we did not use the fits of V14, V28, V30 and V46 to derive star properties because those fits have a value of D m > 5. V17 was not fitted either because the parameters varied significantly with the number of harmonics used in the fit, as well as showing signs of slow amplitude modulation (see Sec. 3.3). This leaves us with 5 RR0 and 15 RR1 stars for which we derive individual properties in the next section. We also note that for V1, V2, V14, V23, and V30, Figure 14 : O-C plots for variables V14 and V28 showing the quadratic fit to the time-dependence of the difference between observed and predicted times of light curve maxima. The values found using this quadratic fit for V14 and V28 are consistent with those derived using our grid fitting method (see text), β=+1.553 d Myr −1 (V14) and β =+0.102 d Myr −1 (V28).
we combined our data with that of W94 in order to derive fits, due to insufficient phase coverage of our data alone.
Metallicity
In this section we derive metallicities for each variable for which a good Fourier decomposition, according to our selection criteria discussed above, could be obtained. To do this, we use empirical relations from the literature. For RR0 stars, we used the relation of Jurcsik & Kovács (1996) , which expresses [Fe/H] as a function of the period and of the Fourier parameter φ s 31 ; the s superscript denotes that Jurcsik & Kovács (1996) derived their relations using sine series, whereas we fit cosine Fourier series (Eq. 4). The Fourier parameters can be easily converted using the equation Table 6 : Parameters from the Fourier decomposition. Numbers in parentheses are the 1-σ uncertainties on the last decimal place.
[Fe/H] can then be expressed as 
where the subscript J denotes a non-calibrated metallicity, and the period P is in days. This value can be transformed to the metallicity scale of Zinn & West (1984) 
Kovács (2002) investigated the validity of this relation, and found that Eq. (8) yields metallicity values that are too large by ∼ 0.2 dex for metal-poor clusters. This was supported by the findings of Gratton et al. (2004) and Di Fabrizio et al. (2005) , who compared metallicity values for RRL stars in the Large Magellanic Cloud (LMC) using both spectroscopy and Fourier decomposition. Therefore we include a shift of -0.20 dex (on the [Fe/H] J scale) or -0.14 dex (on the ZW scale) to the metallicity values derived for RR0 stars using Eq. (8).
More recently, Nemec et al. (2013) derived a relation for the metallicity of RR0 stars, using observations of RRL taken with the Kepler space telescope, In the discussion that follows, we considered RR0 metallicity values obtained both with the scale of Jurcsik & Kovács (1996) and that of Nemec et al. (2013) 5 . For the RR1 variables, we used the relation of Morgan et al. (2007) (9) and (12) are listed in Table 7 .
We note that the metallicities of only two RRL stars in M68 have previously been measured in the literature. Smith & Manduca (1983) measured the spectroscopic metallicity index ∆S for the RR0-type variables V2 and V25 as 11.0 and 10.5, respectively, which yield metallicities [Fe/H] ZW ≈ −2.15 and −2.07, respectively, when converted to the ZW scale via the following relation from Suntzeff et al. (1991) : 
We include these metallicity measurements as a footnote to Table 7 for the sake of completeness.
Effective Temperature
Jurcsik (1998) derived empirical relations to calculate the effective temperature of fundamental-mode RRL stars, relating the (V −K) 0 colour to P and to several of the Fourier coefficients and parameters: used theoretical model to derive a corresponding relation for RR1 stars, log T eff = 3.7746 − 0.1452 log P + 0.0056 φ 31 .
We use those relations to derive log T eff for all of our RR0 and RR1 stars, and give the resulting values in Table 7 . As we mentioned in previous analyses (e.g. Arellano Ferro et al. 2008) , there are some important caveats to consider when estimating temperatures with Eqs. (15) and (16). The values of log T eff for RR0 and RR1 stars are on different absolute scales (e.g. Cacciari et al. 2005) , and temperatures derived using these relations show systematic deviations from those predicted by Castelli (1999) in their evolutionary models, or by the temperature scales of Sekiguchi & Fukugita (2000) . However, we use these in order to have a comparable approach to that taken in our previous studies of clusters.
Absolute Magnitude
We use the empirical relations of Kovács & Walker (2001) to derive V -band absolute magnitudes for the RR0 variables, (17) where K 0 is the zero-point of the relation. Using the absolute magnitude of the star RR Lyrae of M V = 0.61 ± 0.10 mag derived by Benedict et al. (2002) , and a Fourier decomposition of its light curve, Kinman (2002) determined a zero-point for Eq. (17) of K 0 = 0.43 mag. Here, however we adopt a slightly different value of K 0 = 0.41 ± 0.02 mag, as in several of our previous studies (e.g. Arellano Ferro et al. 2010) , in order to maintain consistency with a true distance modulus of µ 0 = 18.5 mag for the LMC (Freedman et al. 2001) . A nominal error of 0.02 mag on K 0 was adopted in the absence of uncertainties on K 0 in the literature.
For RR1 variables, we use the relation of Kovács (1998) ,
where we adopted the zero-point value of K 1 = 1.061±0.020 mag (Cacciari et al. 2005) , with the same justification as for our choice of K 0 . We also converted the magnitudes we obtained to luminosities using
where M bol, is the bolometric magnitude of the Sun, M bol, = 4.75 mag, and B C (T eff ) is a bolometric correction which we estimate by interpolating from the values of Montegriffo et al. (1998) for metal-poor stars, and using the value of log T eff we derived in the previous section. Values of M V and log(L/L ) for the RR0 and RR1 variables are listed in Kains et al. 2012, see Fig. 9 of that paper).
Masses
Empirical relations also exist to derive masses of RRL stars from the Fourier parameters, although as noted by , such relations are better suited to derive average values for RRL stars in clusters. We therefore use mean parameters to derive mean masses for our RRL stars. Figure 16 : Phased light curves for V17, showing the V −band data sets of this paper (black, + symbols) and W94 (green asterisks). The amplitude is larger in our data by ∼ 0.15 mag compared to the observations of W94,; we suggest that this might be due to slow amplitude modulation.
For RR0 stars, we use the relation of van Albada & Baker (1971) ,
where we use the symbold M to denote masses in order to avoid confusion with absolute magnitudes elsewhere in the text. Using this, we find an average mass M RR0 /M ⊙ = 0.74 ± 0.14. For RR1 stars, we used the relation derived by from hydrodynamic pulsation models, log(M/M ⊙ ) = 0.52 log P − 0.11φ 31 + 0.39 ,
which yield a mean mass M RR1 /M ⊙ = 0.70 ± 0.05. This is lower than the value of M/M ⊙ = 0.79 found by for M68, but confirms the value of M/M ⊙ = 0.70 ± 0.01 found by W94 using the same method.
Double-mode pulsations
RR Lyrae
M68 contains 12 identified double-mode RRL (RR01) stars. RR01 stars are of particular interest, because, given metallicity measurements, the double-mode pulsation provides us with a unique opportunity to measure the mass of these objects without assuming a stellar evolution model, and to study the mass-metallicity distribution of field and cluster RRL stars (e.g. Bragaglia et al. 2001) . "Canonical" RR01 have first-overtone-to-fundamental pulsation period ratios ranging from ∼ 0.74 to 0.75 (e.g. Soszyński et al. 2009 ) for radial pulsations. Other period ratios can be interpreted as being evidence for non-radial pulsation, or for higherovertone secondary pulsation, with studies reporting a period ratio of ∼ 0.58-0.59 between the second overtone and the fundamental radial pulsation (e.g. Poretti et al. 2010 ).
We analysed the light curves of RR01 stars in our images using the time-series analysis software Period04 (Lenz & Breger 2005) . In Table 8 , we list the periods we found for each variable, as well as the period ratio. We found ratios within the range of canonical value for all stars except for V45, for which we did not detect a second pulsation period, unlike W94.
In the past, theoretical model tracks and the "Petersen" diagram (P 1 /P 0 vs. P 0 , Petersen 1973) have been used to estimate the masses of RR01 pulsators. Using this approach, W94 estimated average RR01 masses of ∼ 0.77 M ⊙ and ∼ 0.79 M ⊙ , using the models of Cox (1991) and Kovacs et al. (1991) respectively. Here we use the new relation of Marconi et al. (2015, submitted) , who used new non-linear convective hydrodynamic models to derive a relation linking the stellar mass with the period ratio and the metallicity, through
In order to convert metallicities from [Fe/H] ZW to Z, we used the relation of Salaris et al. (1993) ,
where f is the α-element abundance, for which we adopt a value of 0.3 for M68 (e.g. Carney 1996) . We also adopted a value of [Fe/H] ZW = −2.07 ± 0.06 corresponding to the mean metallicity of the RRL stars listed in Table 7 . Using Eqs. (22) and (23), we find the masses given in Table 8 ; we find a mean mass for RR01 stars of M/M ⊙ = 0.789 ± 0.003 (statistical) ± 0.119 (systematic), in excellent agreement with the findings of W94.
SX Phoenicis
We also carried out a search for double-mode pulsation in the light curves of the SX Phe stars in our sample. For V50, we find a second pulsation period P 1 = 0.051745 d in addition to the fundamental period P 0 = 0.065820 d, giving a ratio P 1 /P 0 ∼ 0.786, within the range of expected values for a metal-poor double-radial-mode SX Phe star (Santolamazza et al. 2001) . This is confirmed by the location of that secondary period on the log P − V 0 diagram, which is further discussed in Sec. 6.4.2.
6. Cluster properties from the variable stars
Oosterhoff Type
In order to determine the Oosterhoff type of this cluster, we calculate the mean periods of the fundamental-mode RRL, as well as the ratio of RR1 to RR0 stars. We find P RR0 = 0.63 ± 0.07 d and P RR1 = 0.37 ± 0.02 d. RR1 stars make up 54% of the single-mode RRL stars. Although P RR0 is somewhat lower than the usual canonical value of ∼ 0.68, these values, as well as the very low metallicity, point to M68 being an Oosterhoff II cluster, in agreement with previous classifications (e.g. Lee & Carney 1999) . As mentioned earlier, the fact that M68 is a clear Oosterhoff II type is in disagreement with studies concluding that M68 could be of extragalactic origin (e.g. Yoon & Lee 2002) , since globular clusters in satellite dSph galaxies of the Milky Way fall mostly within the gap between Oosterhoff types I and II. Plotting the RRL stars on a "Bailey" diagram (log P − A, where A denotes the amplitude of the RRL light curve; Fig. 17 ) also allows us to confirm the Oostheroff II classification, by comparing the location of our RRL stars to the analytical tracks derived by Zorotovic et al. (2010) by fitting the loci of normal and evolved stars of Cacciari et al. (2005) . Fig. 17 shows that the locations of our RRL stars are in good agreement with these tracks (for the V band) and those of Kunder et al. (2013b) (who rescaled those tracks for the I band). However, it is obvious from the I−band plot (bottom panel of Fig. 17 ) that the RRL loci for M68 are different from those of Oosterhoff type II clusters NGC 5024 ) and M9 (Arellano Ferro et al. 2013a ), but are in agreement with the loci for NGC 2808 (Kunder et al. 2013b ).
Cluster metallicity
Although Clement et al. (2001) , found a correlation between the metallicity of a globular cluster and the mean period of its RR0 stars, P RR0 , they noted that this relation does not hold when P RR0 is larger than 0.6 d, i.e. for Oosterhoff type II clusters. Instead, we estimate the metallicity of M68 by calculating the average of the metallicities we derived for RRL stars in this cluster. As in our previous papers (e.g. Kains et al. 2013 ), we assume that there is no systematic offset between the metallicities derived for RR0 and RR1 stars. Using this method, we find a mean metallicity of [Fe/H] ZW = −2.07 ± 0.06 (using Eq. (9) Table 9 . In the rest of this paper, we will use [Fe/H] ZW = −2.07 ± 0.06 as the cluster metallicity, due to the larger scatter in RR0 metallicities derived using Eq. (10), and the problem with uncertainties in the relation of Nemec et al. (2013) already mentioned in Sec. 4.1.
Reddening
Individual RR0 light curves can be used to estimate the reddening to each star, using their colour near the point of minimum brightness. The method was first proposed by Sturch (1966) , and further developed in several studies, most recently by Guldenschuh et al. (2005) and Kunder et al. (2010) . Guldenschuh et al. (2005) = 0.58±0.02 mag. By calculating the (V − I) colour for each of our light curves between those phases and comparing it to the value of Guldenschuh et al. (2005) , we can therefore calculate values of E(V −I), which we can then convert through E(B − V ) = E(V − I)/1.616 (e.g. Arellano Ferro et al. 2013a ). Stars showing Blazhko modulation were excluded from this calculation, as were stars with poor I−band light curves, leading to reddening High-resolution spectroscopy Minniti et al. (1993) -2.17 ± 0.05 −2.37 ± 0.08 FeI and FeII spectral lines Zinn & West (1984) -2.09 ± 0.11 −2.24 ± 0.18 Q39 index Zinn (1980) -2.19 ± 0.06 −2.41 ± 0.10 Q39 index Table 9 : Different metallicity estimates for M68 in the literature. Values were converted using Eq. (11) where necessary.
estimates for V2, V12, V14, V22, V23, V35 and V46. We found a mean reddening of 0.05±0.05 mag, within the range of values published (see Sec. 6.4.1).
Distance
Using the RRL stars
The Fourier decomposition of RRL stars can also be used to derive a distance modulus to the cluster. The Fourier fit parameter A 0 corresponds to the intensity-weighted mean V magnitude of the light curve, and since we also derived absolute magnitudes for each star with a good Fourier decomposition, this can be used to calculate the distance modulus to each star. For RR0 stars, the mean value of A 0 is 15.64±0.08 mag, while the mean absolute value is M V = 0.49 ± 0.07 mag. From this, we find a distance modulus µ = 15.15 ± 0.11 mag. For RR1 stars, we find A 0 = 15.68 ± 0.03 mag and M V = 0.53 ± 0.01 mag, yielding µ = 15.15 ± 0.03 mag.
Many values of E(B − V ) have been published for M68, ranging from 0.01 mag (e.g. Racine 1973 ) to 0.07 mag (e.g. Bica & Pastoriza 1983) . Recent studies have tended to use E(B − V ) = 0.05 mag, which is the value listed in the catalogue of Harris (1996) . Piersimoni et al. (2002) derived a value of E(B − V ) = 0.05 ± 0.01 from BV I photometry of RRL stars and empirical relations, and this coincides with the value we derived in Sec. 6.3, although uncertainties on our estimate are larger. We therefore adopt the value of Piersimoni et al. (2002) , and a value of R V = 3.1 for the Milky Way. From this we find true distance moduli of µ 0 = 15.00 ± 0.11 mag and µ 0 = 15.00 ± 0.05 mag from RR0 and RR1 stars, respectively. These values correspond to physical distances of 10.00 ± 0.49 kpc and 9.99 ± 0.21 kpc, respectively, and are consistent with values reported in the literature, examples of which we list in Table 10 .
Using SX Phoenicis stars
We can derive distances to SX Phe stars thanks to empirical period-luminosity (P − L) relations (e.g. Jeon et al. 2003 ).
Here we calculate distances to the SX Phe stars in our images (see Table 3 ) using the P − L relation of Cohen & Sarajedini (2012) , (24) where P f is the fundamental-mode pulsation period. This provides us with another independent estimate of the distance to M68. Arellano derived their own P − L relation, using only SX Phe stars in metal-poor globular clusters, and have shown a good match of their relation to the locus of SX Phe in other clusters (e.g. Arellano Ferro et al. 2014 .
Assuming that the values given in Table 3 are the fundamental periods and using them with Eq. (24) as well as the relation of Arellano , the distances derived for V39, V48, V51 and V52 disagree with the values we found using RRL stars, and with most values in the literature (see Table 10 ). In Fig. 18 , we plot log P against dereddened magnitudes V 0 (using our adopted For the RR01 stars, the amplitude is that of the dominant mode, which is the first overtone in all cases here. For the V −band diagram, we also plot the tracks derived by Zorotovic et al. (2010) for evolved stars (solid lines), found by shifting the relations obtained by fitting data for the Oosterhoff type I cluster M3 (dashed lines) by 0.06 in log P . For the I−band diagram, we plot the rescaling of those relations by Kunder et al. (2013b) value E(B − V ) = 0.05 ± 0.01 mag), as well as the relations of Cohen & Sarajedini (2012) for fundamental, first and second overtone SX Phe pulsators, shifted to a distance of 9.99 ± 0.21 kpc, the cluster distance we derived in Sec. 6.4.1 using RR1 stars. From this, it is clear that V49 pulsates in the fundamental mode, and that the periods of the double-mode pulsator V50 (see Sec. 5.2) do correspond to fundamental and first-overtone periods. Fig. 18 also suggests that V51 and V52 are first-overtone pulsators, and that V48 is a second-overtone pulsator; W94 had suggested Figure 18 : log P − V 0 plot of the SX Phe stars in M68, with the P − L relation of Cohen & Sarajedini (2012) for fundamental, first-overtone, and second-overtone pulsators as solid, dotted, and dashed lines respectively. Shaded areas show 1-σ boundaries for each case. The relations have been shifted to a distance of 9.99 ± 0.21 kpc (see Sec. 6.4.1), and the SX Phe magnitudes have been dereddened using our adopted value of E(B − V ) = 0.05 ± 0.01 mag. The location of the black filled circles in this plot correspond to the periods listed in Table 3 , and for V50 the first-overtone period is shown as a triangle, with a dash-dot line connecting the two periods.
that V48 might be a first-overtone pulsator, noting however that it would be bright for its period. Fig. 18 also suggest that V39 might not be a cluster member, with the large distance hinting that it may be a background object.
For the overtone pulsators, we can "fundamentalise" the periods to then use Eq. (24) in order to derive empirical values of M V , µ 0 , and the distance. To do this, we use the canonical first-and second-overtone to fundamental period ratios, respectively P 1 /P f ∼ 0.783 (e.g. Jeon et al. 2004; Santolamazza et al. 2001; Gilliland et al. 1998) and P 2 /P f ∼ 0.62 (Santolamazza et al. 2001) . Using these values to calculate P f , we find the corrected absolute magnitudes and distances listed in Table 11 .
We note that the discrepant distance estimates could alternatively be due to V48 being a foreground object, while V51 clearly suffers from blending from two nearby stars of comparable brightness, meaning that its reference flux could be over-estimated by as much as a factor of 2. If this is the case, V51 would fall on the track for fundamental pulsators on Fig. 18 . Higher-resolution data could help determine which explanation is correct for V51, while radial velocity measurements would help address the cluster membership of V39 and V48.
Using the corrected values, and excluding V39, we find an average distance modulus of µ 0 = 14.97 ± 0.11 mag, corresponding to a physical distance of 9.84 ± 0.50 kpc, in good agreement with the values we found using RRL stars in the previous section. servations to fit a linear relation between the metallicity of a cluster and the mean magnitude of its RRL stars,
Here we use the relation derived by Kains et al. (2012) , with coefficients α = 0.16 ± 0.01 and β = 0.85 ± 0.02, for a metallicity given on the ZW scale. Using the metallicity value of [Fe/H] ZW = −2.07 ± 0.06 derived in Sec. 6.2, we find a mean absolute magnitude of 0.52 ± 0.03 mag, in good agreement with the value found in Sec. 6.4.1. We can now use this to estimate the distance to M68, in a similar way to what was done in that section. Since the M V −[Fe/H] does not distinguish between RR0 and RR1, we use average value over all RRL types in this calculation.
We find a mean magnitude for all RRL stars of A 0 = 15.68±0.05 mag, yielding a distance modulus of µ = 15.16± 0.06 mag. With E(B − V ) = 0.05 ± 0.01 mag and R V = 3.1 as in Sec. 6.4.1, this gives a true distance modulus of 15.00 ± 0.07 mag, corresponding to a physical distance of 10.00 ± 0.30 kpc.
Conversely, we can also estimate the mean metallicity of the cluster using the M V −[Fe/H] relation, using the values found from Eqs. (17) and (18). We find a mean value for all RRL stars with a good Fourier decomposition of M V = 0.52±0.04, yielding [Fe/H] ZW = −2.09±0.26, in agreement with our values in Sec. 6.2, but with a much larger error bar.
Age
Although our CMD does not allow us to derive a precise age, we use our data to check consistency of our CMD with age estimates of M68 from the literature (Table 12) , by overplotting the isochrones of Dotter et al. (2008) , using our estimate of the cluster metallicity of [Fe/H] ZW = −2.07 ± 0.06. We interpolated those isochrones to match the alphaelement abundance for this cluster of [α/Fe] of ∼ 0.3 (e.g. Carney 1996) . We found that our CMD is consistent with an age of 13.0±0.50 Gyr, in agreement with the most recent values in the literature.
Conclusions
We carried out a detailed survey of variability in M68 using CCD observations as well as some EMCCD images. We showed that data from identical telescopes in a telescope network could be reduced using a reference image from a single telescope, i.e. that the network could be considered to be a single telescope for the purposes of data handling. This facilitates the analysis of time-series data taken with such networks significantly.
Using our observations we were able to recover all known variables within our field of view, as well as to detect four new SX Phe variables near the cluster core. We used the light curves of RRL stars in our data to derive estimates for their metallicity, effective temperature, luminosity and mean mass. Those were then used to infer values for the cluster metallicity, reddening and distance. Furthermore, the light curves of the SX Phe stars were also used to obtain an additional independent estimate of distance.
We found a metallicity [Fe/H]=−2.07 ± 0.06 on the ZW scale and −2.20 ± 0.10 on the UVES scale. We derived distance moduli of µ 0 = 15.00 ± 0.11 mag (using RR0 stars), µ 0 = 15.00 ± 0.05 mag (using RR1 stars), µ 0 = 14.97 ± 0.11 mag (using SX Phe stars), and µ 0 = 15.00 ± 0.07 mag (using the M V −[Fe/H] relation for RRL stars), corresponding to physical distances of 10.00±0.49, 9.99±0.21, 9.84±0.50, and 10.00 ± 0.30 kpc, using RR0, RR1, SX Phe stars, and the M V −[Fe/H] relation respectively. Finally, we used our CMD to check the consistency of age estimates in the literature for M68. We also used archival data to refine period estimates, and calculate period changes where appropriate, for the RRL stars. The grid search we used here is particularly useful to estimate period changes for stars for which not many maxima were observed; in those cases, the traditional O-C method struggles to yield a period-change value that phases all data sets well, while the grid search performs better. We also examined in detail the light curves of double-mode pulsators in this cluster. The ratios of the RR01 periods enabled us to estimate their masses with the new mass-period-metallicity empirical relation of Marconi et al. (2015, submitted) .
Thanks to the latest DIA methods, we can now be confident that all of the RRL stars in M68 are known. Carrying out such studies for more Milky Way globular clusters will help us strengthen observational evidence for the Oosterhoff dichotomy, which in turn can be used to shed light on the origin of the Galactic halo.
Reference
Age [Gyr] Method VandenBerg et al. (2013) 12.00±0.25 CMD isochrone fitting Rakos & Schombert (2005) 11.2 Strömgren photometry Salaris & Weiss (2002) 11.2 ± 0.9 CMD analysis Caloi et al. (1997) 12 ± 2 CMD analysis Gratton et al. (1997) 10.1 ± 1.2 CMD isochrone fitting Gratton et al. (1997) 11.4 ± 1.4 CMD isochrone fitting Brocato et al. (1997) 10 CMD analysis Jimenez et al. (1996) 12.6 ± 2 CMD analysis Chaboyer et al. (1996) 12.8 ± 0.3 CMD analysis Sandage (1993) 12.1 ± 1.2 CMD isochrone fitting Straniero & Chieffi (1991) 19 ± 1 CMD isochrone fitting Alcaino et al. (1990) 13 ± 3 CMD isochrone fitting Chieffi & Straniero (1989) 16 CMD isochrone fitting McClure et al. (1987) 14 ± 1 CMD isochrone fitting Peterson (1987) 15.5 CMD analysis Vandenberg (1986) 18 CMD analysis Table 5 : Light curve mean magnitudes and rms values for V40-42, for which we do not find evidence of variability, as well as for the "new" variables published by Sariya et al. (2014) . Since Sariya et al. (2014) assigned those variables new V numbers, we add an "S" as a prefix to avoid confusion with the confirmed variables in this paper. Note that the mean magnitudes of V41 and V42 are significantly different from those given by W94. For V41 we suggest that this might be due to blending by V16 in their data, but no explanation is offered for the difference with V42. Table 11 : Absolute magnitudes, true distance moduli and physical distance for the SX Phe stars in M68, derived using the P − L relation of Cohen & Sarajedini (2012) after "fundamentalisation" of the pulsation period.
